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Nonthermal phenomena are ubiquitous in the Universe, and cosmic rays (CRs) play various roles
in different environments. When, where, and how CRs are first generated since the Big Bang?
We argue that blast waves from the first cosmic explosions at z ∼ 20 lead to Weibel mediated
nonrelativistic shocks and CRs can be generated by the diffusive shock acceleration mechanism. We
show that protons are accelerated at least up to sub-GeV energies, and the fast velocity component
of supernova ejecta is likely to allow CRs to achieve a few GeV in energy. We discuss other possible
accelerators of the first CRs, including accretion shocks due to the cosmological structure formation.
These CRs can play various roles in the early universe, such as the ionization and heating of gas,
the generation of magnetic fields, and feedbacks on the galaxy formation.
PACS numbers: 52.35.Qz; 52.35.Tc; 98.38.Mz; 98.58.Mj; 98.70.Sa; 98.80.-k
INTRODUCTION
In the current universe, high-energy nonthermal par-
ticles are ubiquitous at various scales from the earth to
clusters of galaxies. Cosmic rays (CRs) provide one of
the best examples. The energy density of CRs is about
1 eV cm−3 in our Galaxy, which is comparable to that
of thermal particles. Therefore, CRs are thought to have
important roles in galaxies. It is widely accepted that
blast waves of supernova remnants are the origin of CRs
with energies up to 1015eV and the standard accelera-
tion mechanism is diffusive shock acceleration (DSA) [1].
In fact, radio, x-ray and gamma-ray observations of su-
pernova remnants have shown the evidence that electrons
and ions are accelerated to highly relativistic energies [2].
Furthermore, a CR precursor ahead of the shock front,
which is a prediction of the diffusive shock acceleration,
was directly imaged [3]. The CRs could even affect out-
flow dynamics of galaxies in the halo region, and their
energy density is comparable to that of the warm-hot
intergalactic medium [4].
It has not been studied when, where, and how the first
population of CRs are generated since the Big Bang.
These questions are, in other words, relevant for us to
reveal the history of the nonthermal Universe and their
roles in high-redshift environments. The CRs in the early
universe can heat the intergalactic medium, and future
HI 21-cm observations could shed light on the beginning
of the nonthermal universe [5]. Ref. [5] showed that CRs
with energies of a few tens MeV most efficiently heat
the intergalactic medium, but so far, we do not under-
stand whether the first CRs can be accelerated to the
energy scale or not. In addition, in order for CRs to heat
the intergalactic medium, CRs have to escape from the
acceleration site. In early universe, there are two ener-
getic shocks that could accelerate the first population of
CRs, supernova blast waves of the first stars and accre-
tion shocks of the large scale structure formation in the
universe. In this work, we consider particle accelerations
by the two types of shocks, showing that the first CRs are
provided by Weibel mediated nonrelativistic collisionless
shocks driven by the first star explosion at z ≈ 20. We
use the notation Qa,x = Qa/10
x in CGS units.
SUPERNOVA BLAST WAVES OF THE FIRST
STARS AND COLLISIONLESS SHOCKS
Several cosmological simulations show that the first
stars can be formed in dark matter halos with halo masses
of Mh ∼ 106 M⊙ at z ≈ 20 [6]. The first stars are ex-
pected to be more massive than the Sun [7] but may
have a wide range of masses, 10 M⊙ . M∗ . 10
3 M⊙[8].
Because their lifetime is shorter than the Hubble time
at the age of the Universe, the first stars gravitationally
collapse at z ∼ 5− 20. During their lives, the first stars
emit a lot of ultraviolet photons ionizing surrounding gas,
forming HII regions. The number density, temperature,
and ionization fraction of the HII region are typically
n ∼ 1 cm−3, T ∼ 1 eV, and fi = 1, respectively, just
before the first stars end their lives [13].
After the core collapse of the first stars, their envelopes
may be ejected as supernovae. According to a recent
cosmological simulation [8], about 30% of the first stars
may directly collapse to black holes and the remaining
∼ 70% explode as normal core-collapse, pair-instability,
and pulsational pair-instability supernovae. In this work,
we mainly consider normal core-collapse supernovae from
the first stars as the sources of the first CRs, and the
2others are discussed later.
Supernova ejecta consist of the inner core with a shal-
low density profile and the outer envelope with a steep
density profile. The bulk of the ejecta has a velocity of
uej ≃ 4.5× 108 cm s−1 E1/2SN,51M−1/2ej,34 , where ESN and Mej
are explosion energy and ejected mass, respectively. The
shock velocity is almost constant, ush ≈ uej, until the
swept-up mass becomes comparable to the ejecta mass,
t . tdec = (3Mej/4πmpn)
1/3/uej, wheremp and n are the
proton mass and number density in the HII region. How-
ever, in the earliest phase of the SN expansion, the outer
region of the ejecta drives a faster shock with ush ≫ uej
[9]. Details depend on mass-loss mechanisms of the first
stars, which could be caused by the pulsational insta-
bility and perhaps rotationally induced chemical mixing
[10]. Assuming a wind density profile of ̺cs = DR
−2 with
an outer ejecta profile ̺ej ∝ t−3(R/t)−δ (where δ = 10
for a radiative envelope with a convective core), we ob-
tain ush ≃ 3.3 × 109 cm s−1 E7/16SN,51M−5/16ej,34 D−1/812 t−1/84
[9]. Here we take a fiducial value for blue supergiants,
D ∼ 1012 g cm−1 [11]. If the mass loss is small, the fast
shock initially propagates in the wind region, and sub-
sequently propagate in the the HII region. Thereafter,
the transition to the homologous expansion occurs, and
finally after t > tdec, the shock velocity decreases with
time as ush ∝ t−3/5.
To understand whether particles are accelerated by the
shock or not, we first investigate what types of collsion-
less shock and magnetic field turbulence are generated.
Magnetic fields in the surrounding HII region of the first
stars are poorly constrained. The Biermann battery ef-
fect around the first stars generates magnetic fields of
∼ 10−17 G in the 102 − 103 kpc scales at z ≈ 20 [14].
Since the field strength is too small to affect the collision-
less shock, the HII region can be treated as an unmag-
netized plasma. Then, some of downstream hot plasma
leak to the shock upstream region. Collisionless plasma
instabilities are excited between the upstream plasma
and the leaking plasma. As a result, the upstream cold
flow is dissipated by electromagnetic fields generated by
the collisionless plasma instabilities and a collisionless
shock is formed. Note that the shock propagating inside
a star is radiation mediated rather than collisionless, and
the radiation pressure is important even after the shock
breakout. However, collisionless shocks should eventu-
ally form when the shock propagates in a wind environ-
ment [12], and then the first and earliest CRs will be
produced. Then, collisionless shocks of supernova rem-
nants will propagate in the HII region.
Since numerical simulations show that unmagnetized
shocks with βsh = ush/c & 10
−1 are the nonrelativis-
tic Weibel mediated shock [15], the shock driven by the
fast-envelope ejecta is so. However, unmagnetized shocks
with βsh ≈ 10−2 are poorly understood. As a first step,
we consider evolution of two counter streaming electron-
proton plasmas where the relative velocity is βsh ∼ 10−2
and the temperature of each plasma is T ∼ 1 eV. Since
the electron mass is smaller than the proton mass, insta-
bilities caused by the two electron beams grow initially. If
the relative velocity (or shock velocity) is a nonrelativis-
tic velocity, growth rates of the electron and ion Weibel
instabilities are given by γ ∼ βshωpe and γ ∼ βshωpp [16],
and the growth rate of the electron two-stream instabil-
ity is given by γ ∼ ωpe [17]. ωpe and ωpp are the elec-
tron and proton plasma frequencies. Since the electron
two-stream instability is the most unstable mode, the
two electron beams initially excite electrostatic fields. If
only protons leak to the upstream region from the down-
stream region, instead of the electron two-stream insta-
bility, the Buneman instability becomes the most unsta-
ble mode and generates electrostatic fields [18]. As a re-
sult, only electrons are heated, but protons remain cold
beams because the frequency of excited waves is close to
the electron plasma frequency. The initial electrostatic
instabilities are saturated when the electron thermal ve-
locity becomes comparable to the relative velocity be-
tween the two beams. Thus, the electrons are heated to
Te ∼ meu2sh, whereme is the electron mass [19]. In a such
plasma, the ion acoustic instability, ion-ion two stream
instability, and the ion Weibel instability are unstable.
Since the ion-ion two stream instability has the largest
growth rate of γ ∼ ωpp [19], the electrostatic fluctuations
are excited and protons are heated to Tp ∼ Te ∼ meu2sh
[19]. Thereby, the ion acoustic instability and the ion-ion
two stream instability are stabilized but the ion Weibel
instability is still unstable. Most of the kinetic energy of
the proton beams are not dissipated by the early electro-
static instabilities. Then, the ion Weibel instability fi-
nally generates magnetic field fluctuations and dissipates
the proton beams. Therefore, collisionless shocks driven
by the core ejecta is also nonrelativistic Weibel mediated
shocks.
ACCELERATION OF THE FIRST CRS
Ab-initio plasma simulations have shown that relativis-
tic Weibel mediated shocks can accelerate particles by
DSA [20]. Therefore, we can expect that first super-
nova remnant shocks first accelerate CRs at z ≈ 20.
We here derive the acceleration time scale of DSA in
the nonrelativistic Weibel mediated shock. The accel-
eration time scale of DSA is given by tacc = 20κ/u
2
sh
[21], where κ is the diffusion coefficient of the acceler-
ated particle, and we assume that the downstream dif-
fusion coefficient is the same as the upstream one. The
ion Weibel instability generates magnetic field fluctua-
tions, δB, with the coherent length scale of the proton
inertial length, λδB = αc/ωpp, where α is a numerical
factor. The nonlinear evolution of the Weibel instability
has been widely discussed theoretically and investigated
3by numerical simulations [22]. Very recently, it is shown
that the drift kink instability at λδB ≈ 10 c/ωpp stops
the nonlinear growth of the magnetic field fluctuations
[23]. In this work, we adopt α = 10 as a fiducial value.
The magnetic field strength around the nonrelativistic
collisionless shock is subject to more uncertainties. To
estimate the acceleration timescale, we introduce a mag-
netic field energy fraction, ǫB = δB
2/(4πnmpu
2
sh). The
gyroradius of particles with a momentum of p is repre-
sented by rg = λδBpˆ/(αβshǫ
1/2
B ), where pˆ = p/(mpc). If
the momentum is larger thanmpushαǫ
1/2
B , the gyroradius
is larger than the coherent length scale of magnetic field
fluctuations. For Weibel mediated shocks, because ǫB is
smaller than about 10−2 as argued later, most protons
thermalized by the shock satisfy this condition. Then,
the diffusion coefficient is given by κ ≈ 2πvr2g/λδB [24],
where v is the particle velocity. Then, the acceleration
time scale of DSA in the nonrelativistic Weibel mediated
shock is given by
tacc,s =
40π
αǫBβ4sh
pˆ3√
pˆ2 + (ms/mp)2
ω−1pp , (1)
where the subscript s = e, p represents particle species.
The diffusion length around the shock, κ/ush, depends
on the energy of accelerated particles. We naively ex-
pect that ǫB is not constant in space because the num-
ber flux density of leaking protons, fleak, decreases with
the distance from the shock and consequently the elec-
tric current that generates magnetic field fluctuations de-
creases as well as fleak. From the Biot-Savart law, one
can estimate the magnetic field strength by δB/λδB ≈
4πefleak/c. In order to estimate the number flux density
of protons, fleak, we introduce the CR proton energy flux
fraction, ηp = fleak(γp − 1)mpc2/(nmpu3sh/2), where γp
is the Lorentz factor of leaking protons.
In the current universe, ηp is expected to be about
0.1 to supply Galactic CRs by supernova remnants [25].
Then, the magnetic field energy fraction in the diffusion
region of protons with the momentum of pˆ = (γ2p−1)1/2 is
represented by ǫB = {αfleak/(nush)}2 = α2η2pβ4sh/{4(γp−
1)2}. The above estimate is based on the CR current in
the upstream region. The magnetic field fluctuations in
the downstream region of all types of collisionless shocks
are open issues [26]. We simply assume that the diffusion
coefficient in the downstream is less than or equal to that
in the upstream region. This is a reasonable assumption
that provides the upper limit of the maximum energy,
and has been commonly used in many studies.
For pˆ ≫ 1, since electrons and protons have the same
diffusion length, and ǫB ≈ α2η2pβ4shpˆ−2/4, the accelera-
tion time scale is
tacc,s =
160πpˆ4
α3η2pβ
8
sh
ω−1pp , (2)
which does not depend on particle species. For pˆ ≪ 1,
electrons and protons have the different diffusion length
even though they have the same momentum. For nonrel-
ativistic protons, ǫB ≈ α2η2pβ4shpˆ−4, and the acceleration
time scale is
tacc,p ≈ 40πpˆ
7
α3η2pβ
8
sh
ω−1pp . (3)
For relativistic electrons with a momentum of me/mp ≪
pˆ≪ 1, since the diffusion length of electrons with a mo-
mentum of pˆ is that of protons with a momentum of pˆ2/3,
ǫB ≈ α2η2pβ4shpˆ−8/3 and the acceleration time scale is
tacc,e ≈ 40πpˆ
14/3
α3η2pβ
8
sh
ω−1pp . (4)
The maximum energy of accelerated particles are de-
cided by a finite acceleration time, a finite size of the ac-
celeration region, or cooling [27]. Since the acceleration
time scale for Weibel mediated shocks strongly depends
on the shock velocity, tacc ∝ u−8sh , particles are most
efficiently accelerated during the free expansion phase
t . tdec. The time-limited maximum energy is obtained
from the condition tacc,s = tdec, which is almost the same
as the size-limited maximum energy for the case of super-
nova remnants at t = tdec [27]. At the deceleration time
of the core ejecta, the size-limited maximum energies are
given by
Edecmax,p ≃ 110 MeV α6/7,1 η4/7p,−1M−19/21ej,34 ESN,51n1/21,0 , (5)
Edecmax,e ≃ 320 MeV α9/14,1 η3/7p,−1M−19/28ej,34 E3/4SN,51n1/28,0 .(6)
For the above parameters, only electrons are accelerated
to the relativistic energy, and cooling is negligible at t =
tdec.
For earlier shocks driven by fast velocity components
of the ejecta, the size or time-limited maximum energies
of protons are given by
Eenvmax,s ≃ 3.0 GeV α3/4,1 η1/2p,−1M−35/64ej,34 E49/64SN,51D−3/3212 t−7/324 .
(7)
For the above parameters, both protons and electrons
are accelerated to the relativistic energies, and cooling is
negligible.
Therefore, for first core-collapse supernovae with above
parameters, CRs are accelerated to a few GeV and a few
hundreds of MeV by the fast-envelope and core ejecta,
respectively. Since the shock velocity decreases with time
after the deceleration time of the core ejecta, the size or
time-limited maximum energy also decreases with time.
The time evolution is given by
Emax,p = E
dec
max,p(t/tdec)
−38/35 , (8)
Emax,e = E
dec
max,e(t/tdec)
−57/70 . (9)
The cooling time of protons due to Coulomb losses
is given by tcool ≈ 1.5 × 1015 sec n−1,0 pˆ3. For the pa-
rameters adopted at Eqs. (5) and (6), the maximum
4energy of protons is limited by the Coulomb loss for
t ≥ tc ≃ 29 tdec and the time evolution is given by
Emax,p ∼ 2.9 MeV (t/tc)−12/5. Once the maximum en-
ergy is limited by cooling (t > tc), newly accelerated par-
ticles cannot escape from the acceleration site. Therefore,
the first supernova remnants can scatter CR protons in
the energy ranges 3 MeV . E . 3 GeV to the inter-
galactic medium as long as the downstream diffusion co-
efficient is not much larger than the upstream one. They
emit gamma rays and produce light nuclei by nuclear
interactions, which would affect something and be ob-
servable [29].
Since magnetic field fluctuations are generated by the
Weibel instability driven by the accelerated protons, the
size of the acceleration region is limited by the diffusion
length of protons with the maximum energy, κ/ush. For
t ≥ tc, the maximum energy of electrons is limited not by
the Coulomb loss but by the size of the diffusion region.
In that case, the maximum energy of electrons is obtained
from the condition, pˆ2max,e = pˆ
3
max,p, and one can obtain
Emax,e ∼ 21 MeV (t/tc)−9/5. All the electrons acceler-
ated by the first supernova remnants can escape from
the first supernova remnants and heat the intergalactic
medium.
OTHER POSSIBLE ACCELERATORS OF THE
FIRST CRS
Here, we discuss the CR acceleration by explosion phe-
nomena except the normal core-collapse supernova. For
pulsational pair-instability supernovae, stellar mass of
Mej ∼ 1034 g, is ejected with ESN ∼ 1051 erg before the
collapse. The remaining stars with M ∼ 1035 g finally
explode as core-collapse supernovae with ESN ∼ 1051 erg
and Mej ∼ 1034 − 1035 g [28]. For pair instability super-
novae, all the stellar mass, M ∼ 2 × 1035 g, is ejected
with ESN ∼ 1053 erg. About 30% of first stars are ex-
pected to collapse to black holes directly, which can eject
a small mass because neutrino cooling during the pro-
toneutron star phase makes the gravitational mass of
the core small. The expected ejecta mass and explo-
sion energy are Mej ∼ 1030 g and ESN ∼ 1047 erg for
massive stars in the current universe [30]. From Eqs.(2)
and (3), the pulsational explosion of pulsational pair-
instability supernovae, the final explosion of pulsational
pair-instability supernovae, pair instability supernovae,
and the direct collapse of first stars accelerates CR pro-
tons to ∼ 130 MeV, ∼ 17 − 130 MeV, ∼ 1.0 GeV, and
∼ 57 MeV, respectively. It should be noted that the ki-
netic energy of some supernova ejecta are dissipated not
in the HII region but in the stellar wind and ejecta that
might be sufficiently magnetized. If so, the shock would
be a magnetized collisionless shock and CRs would be
accelerated to higher energies like CRs in the current
universe.
If first stars explode as a gamma-ray burst or form
black-hole binaries, relativistic jets would be produced,
resulting in relativistic collisionless shocks and CR ac-
celeration to higher energies [31]. However, whether the
relativistic jets are produced by the collapse of first stars
and black-hose binaries in the early universe and whether
magnetic fields are sufficiently generated in the stellar
wind and ejecta are open issues. Therefore, the maxi-
mum energy of first CRs could tell us the magnetic field
strength around the first star.
Acceleration of CRs associated with the earliest
cosmological structure formation
Large-scale structures naturally serve as CR reservoirs,
and accretion shocks have been considered as one of
the high-energy accelerators in these environments [32].
Strong accretion shocks are expected for local massive
clusters, while the shocks are expected to be weaker at
higher redshifts. The physical situation should largely be
different in the early universe because typical halos are
smaller and the intergalactic medium is less ionized.
Halo masses that can collapse at z = 20 within the
3-sigma fluctuations is about Mh ∼ 106 M⊙ [33]. The
velocity of the accretion shock is about the virial velocity,
ush ≈ vvir = 6.8 × 105 cm s−1 M1/3h,39{(1 + z)/20}1/2. In
order to accelerate charged particles by the shock, about
a half of matters around the accretion shock has to be
ionized [34]. Since most of matters in the universe is
not ionized at z ≈ 20, ionization by radiation from the
shocked region is important for the particle acceleration.
However, the shock velocity have to be larger than about
107 cm/s in order to ionize the upstream matter suffi-
ciently [35]. Therefore, accretion shocks due to the cos-
mological structure formation at z ≈ 20 are unlikely to
accelerate particles to high energies.
At z . 10, halos with Mh ∼ 1010 M⊙ can col-
lapse and the velocity of the accretion shock is about
107 cm s−1 [33]. The ionization fraction and tempera-
ture of the shock upstream region are fi ∼ 0.2 u2sh,7 and
T ∼ 1 eV [35]. The photoionization precursor length is
1020 cm n−1,−1 [36]. In the spherical top-hat halo model,
the baryon number density is given by n ∼ 18π2 n¯b =
4.2 × 10−2 cm−3 {(1 + z)/10}3 when the halo is virial-
ized, where n¯b is the mean baryon number density of
universe at the virialization time. Magnetic fields in the
upstream region of the accretion shock would be am-
plified by the turbulent dynamo or CR streaming be-
cause accretion flows would be very complicated and the
first CRs have already accelerated at z ≈ 20. However,
since the above magnetic-field amplification and gener-
ation are still open issues, here we assume that the ac-
creting plasma is unmagnetized. Then, since the thermal
velocity of electrons, vth,e = 4.2×107 cm s−1 (T/1eV)1/2,
is larger than the shock velocity of the accretion shock,
5only the Weibel instability is unstable in the collisionless
shock transition region. Therefore, the accretion shock at
z . 10 is also the Weibel mediated nonrelativistic shock
and can accelerate particles by DSA. The acceleration
time scale is given by Eq.(3) or Eq.(4). For the accretion
shock at z . 10, the maximum energy of accelerated
protons is nonrelativistic and limited by cooling due to
the Coulomb loss. Then, the cooling-limited maximum
energy is obtained from the condition tacc,p = tcool:
Emax,p ≃ 330 keV α3/2,1 ηp,−1β4sh,−3n−1/4,−1 . (10)
Since the acceleration of protons is not limited by the size
of acceleration region, most accelerated protons cannot
escape to the upstream region. Even though the acceler-
ated protons escape to the upstream region of the accre-
tion shock, they are quickly thermalized and cannot heat
the far upstream region of the accretion shock. The free
streaming distance during the cooling time of ionization
is ∼ 2 kpc [(1 + z)/21]−3(E/330 keV)2 [5], which is much
smaller than that of protons accelerated by the first su-
pernova remnants. For electrons, the maximum energy
is limited by the size of the diffusion length of acceler-
ated protons, where the cooling due to the ionization loss
is negligible for electrons. Then, the maximum energy of
electrons is obtained from the condition, pˆ2max,e = pˆ
3
max,p:
Emax,e ≃ 4.1 MeV α9/8,1 η3/4p,−1β3sh,−3n−3/16,−1 .
All the accelerated electrons can escape from the accre-
tion shock and heat the intergalactic medium.
IMPACTS ON COSMOLOGICAL EVOLUTION
Our study has several important implications
for the cosmological evolution of galaxies and in-
tergalactic medium. First, low-energy CRs may
impact the heating and ionization of ambient
gas in the early universe. In the current uni-
verse, the local CR luminosity density is QCR ≈
2× 1046 erg Mpc−3yr−1(SFR/0.015 M⊙ Mpc−3yr−1)[4],
where SFR is the star-formation rate den-
sity. With a massive POP-III SFR of ∼
10−5 − 10−4 M⊙ Mpc−3yr−1 around z ∼ 20, we
have QIIICR ∼ 1043 − 1044 erg Mpc−3yr−1. By com-
paring the CR loss time tloss(z) to the Hubble
time at z, tH(z) ≈ 1.9 × 108[(1 + z)/21]−3/2 yr,
the CR energy density is estimated to be uCR ∼ 3 ×
10−18 erg cm−3[(1 + z)/21]
3
(min[tH(z), tloss(z)]/100Myr)
(SFRIII/10
−4 M⊙ Mpc
−3yr−1) in the physical volume,
and the similar value can be obtained by using a POP-III
supernova rate of 10−7− 10−6 Mpc−3 yr−1 and a typical
kinetic energy of ESN ∼ 1051 erg.
A low-energy part of first CRs (E . 30 MeV) ionizes
and heats the neutral intergalactic medium. The tem-
perature shift is estimated by [5]
∆T IGM ≈ 2fheatQ
III
CRtH(z)
3Ωb̺crit/mp
∼ 4 K
(
fheat
0.25
)[
(1 + z)
21
]−3/2
×
(
SFRIII
10−4 M⊙Mpc
−3yr−1
)
, (11)
where fheat ∼ 0.25 is the energy fraction used for heating,
Ωb = 0.04 and ̺crit ≈ 1.88h2×10−29 g cm−3 is the critical
density. Given that the CMB temperature is TCMB =
2.7 K (1 + z), the effect of the first CRs may be observed
by future HI 21-cm observations, especially if the first
CR production rate comoving density may continue down
to lower redshifts, e.g., z ≈ 6 (see [37] for the redshift
evolution of the POP III SFR).
Second, the first CRs may provide seed fields for inter-
galactic magnetic fields. In our galaxy, the magnetic field
energy density is comparable to the CR energy density.
If the energy of the first CRs is converted to the energy
of magnetic fields by some plasma effects at z ≈ 20, the
comoving magnetic field strength is estimated to be
B0 = (1 + z)
−2
√
εB8πuCR
∼ 3× 10−11 G ε1/2B
[
(1 + z)
21
]−5/4
×
(
SFRIII
10−4 M⊙Mpc
−3yr−1
)1/2
, (12)
where εB is the energy fraction transferred to magnetic
fields and the magnetic flux conservation is assumed to
estimate B0 ≡ B(z = 0). Note that the cooling time of
CRs above 100 MeV is typically longer than the Hubble
time for the average intergalactic medium density. This
value is consistent with lower bounds on the current in-
tergalactic magnetic fields, 10−18 − 10−15 G [39], which
can be explained if a very small fraction of the first CR
energy can be converted the magnetic field energy. Test-
ing such a magnetic field strength is challenging but could
be probed by ultrahigh-energy gamma-ray observations
[40]. Moreover, the magnetic field generated by the first
CRs at z ≈ 20 is sufficiently large as a seed for galactic
dynamos to explain current galactic magnetic fields [41],
which is especially the case if the first CRs are trapped
in protogalaxies.
Finally, we point out that the first CRs may eventually
lead to CR-driven wind once magnetic fields are ampli-
fied. It has been suggested that CRs play an important
role in the evolution of galaxies [42], and such feedback
on protogalaxies should be examined in more detail and
may be important for cosmological simulations of galaxy
formation.
CONCLUSIONS
We studied the origin of the first CRs. We have found
the followings: 1) The first CRs can be accelerated by the
6first supernova remnants driven by the explosion of first
stars at z ≈ 20 (corresponding to about 180 million years
after the big bang). 2) The first CRs are accelerated by
DSA in the nonrelativistic Weibel mediated shocks, al-
though CR streaming instabilities can play some roles in
the presence of violent mass losses in the preexplosion
phase. 3) The maximum energy of the first CRs lies in
the 0.1−10 GeV range. As a result, secondary neutrinos
produced by these CRs are not expected in the IceCube
range unless supernovae are accompanied by choked jets
or dense magnetized environments [43]. 4) The first CR
protons with energies larger than a few MeV can escape
from the first supernova remnants, whereas all acceler-
ated electrons can. These CRs may impact the heating,
ionization, magnetic field generation, and the cosmolog-
ical evolution of protogalaxies. In particular, we suggest
that HI 21cm signatures can be used as a powerful test
for the first CRs. 5) Accretion shocks associated with the
cosmological structure formation at z ≈ 20 are unlikely
to accelerate particles because the shocks propagate in
neutral media. On the other hand, the accretion shocks
at z . 10 can accelerate particles. The maximum en-
ergies of protons and electrons are a few hundreds keV
and several MeV, respectively. Only the accelerated elec-
trons can escape from the accretion shock without energy
losses.
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